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ABSTRACT
Context. The role of magnetic fields during the formation of high-mass stars is not yet fully understood, and the processes related to
the early fragmentation and collapse are as yet largely unexplored. The high-mass star forming region G9.62+0.19 is a well known
source, presenting several cores at different evolutionary stages.
Aims. We seek to investigate the magnetic field properties at the initial stages of massive star formation. We aim to determine the
magnetic field morphology and strength in the high-mass star forming region G9.62+0.19 to investigate its relation to the evolutionary
sequence of the cores.
Methods. We made use of Atacama Large Millimeter Array (ALMA) observations in full polarisation mode at 1 mm wavelength
(Band 7) and we analysed the polarised dust emission. We estimated the magnetic field strength via the Davis-Chandrasekhar-Fermi
and structure function methods.
Results. We resolve several protostellar cores embedded in a bright and dusty filamentary structure. The polarised emission is clearly
detected in six regions: two in the northern field and four in the southern field. Moreover the magnetic field is orientated along the
filament and appears perpendicular to the direction of the outflows. The polarisation vectors present ordered patterns and the cores
showing polarised emission are less fragmented. We suggest an evolutionary sequence of the magnetic field, and the less evolved hot
core exhibits a stronger magnetic field than the more evolved hot core. An average magnetic field strength of the order of 11 mG was
derived, from which we obtain a low turbulent-to-magnetic energy ratio, indicating that turbulence does not significantly contribute to
the stability of the clump. We report a detection of linear polarisation from thermal line emission, probably from methanol or carbon
dioxide, and we tentatively compared linear polarisation vectors from our observations with previous linearly polarised OH masers
observations. We also compute the spectral index, column density, and mass for some of the cores.
Conclusions. The high magnetic field strength and smooth polarised emission indicate that the magnetic field could play an important
role in the fragmentation and the collapse process in the star forming region G9.62+019 and that the evolution of the cores can be
magnetically regulated. One core shows a very peculiar pattern in the polarisation vectors, which can indicate a compressed magnetic
field. On average, the magnetic field derived by the linear polarised emission from dust, thermal lines, and masers is pointing in the
same direction and has consistent strength.
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1. Introduction
High-mass stars play a fundamental role in the evolution of the
universe, but despite their importance, our comprehension of the
physical mechanisms occurring in their formation is still incom-
plete. As a consequence, the high-mass star formation theory has
been a topic of great debate in recent decades, and several mod-
els have been proposed such as the core accretion model (e.g.
McKee & Tan 2003, Banerjee & Pudritz 2007) and the com-
petitive accretion model (e.g. Bonnell & Bate 2006). In partic-
ular, one of the subjects under discussion is the role played by
the magnetic field at the first stages of massive star formation.
While some theoretical and simulation works showed that mag-
netic fields can significantly influence each stage of massive star
formation (e.g. Mouschovias & Paleologou 1979; Mouschovias
et al. 2006; Commerçon et al. 2011; Tan et al. 2013; Tassis et al.
2014; Klassen et al. 2017), other authors consider the effect of
turbulence and gravity more important (e.g. Padoan & Nordlund
2002; Klessen et al. 2005; Vázquez-Semadeni et al. 2011; Wang
et al. 2014).
Recently, some theoretical simulations of molecular cloud
collision show that massive star formation can be enhanced by
the strong magnetic fields generated in the shocked region (In-
oue et al. 2018; Inoue & Fukui 2013; Vaidya et al. 2013). More-
over, other papers indicate that magnetic fields affect fragmen-
tation, slow down cloud collapse, influence accretion, and drive
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feedback phenomena such as collimated outflows, which are im-
portant in removing excess angular momentum (McKee & Os-
triker 2007; Myers et al. 2013; Peters et al. 2014; Susa et al.
2015; Matsushita et al. 2018). These works indicate that turbu-
lence can play a major role during the initial collapse in the re-
gions where massive stars form, while magnetic fields are likely
to be important close to the protostar, as evidenced by the de-
tection of a pinched magnetic field in a few massive protostars
(e.g. Girart et al. 2009; Qin et al. 2010). Furthermore, magnetic
fields could also be required to stabilise discs and allow for the
large accretion rate necessary during massive star formation (Jo-
hansen & Levin 2008; Stepanovs et al. 2014). In addition, some
authors suggest that non-ideal magnetohydrodynamic (MHD)
effects such as ambipolar diffusion or Ohmic dissipation can ex-
plain some observed configurations such as accretion discs and
outflows (Zhao et al. 2016; Machida et al. 2014; Seifried et al.
2012).
However it is still unclear which process dominates at which
evolutionary stage, and more investigations are needed to over-
come this uncertainty and to estimate the magnitude and mor-
phology of the initial magnetic field.
A possible way to study the magnetic field parameters is
through the analysis of dust polarisation observations. Interstel-
lar dust produces thermal emission and extinction of light from
a background star. The magnetic field morphology in the inter-
stellar medium (ISM) can be probed by observing the linear po-
larisation of this radiation. This polarisation requires the align-
ment of irregularly shaped grains, as described by for example
Cudlip et al. (1982); Hildebrand (1988); Draine & Weingartner
(1996, 1997); Lazarian (2000); Cho & Lazarian (2005); Lazarian
& Hoang (2007, 2008); Hoang & Lazarian (2008), and Ander-
sson et al. (2015). The first successful observation of linearly
polarised dust emission towards a molecular cloud was made by
Hildebrand et al. (1984), and since then many other studies were
presented (e.g. Crutcher 2012, and references therein). Interfer-
ometric images of the polarised emission of dust can show the
magnetic field at a resolution of 100–1000 au (e.g. Girart et al.
2006; Attard et al. 2009; Houde et al. 2009; Hull et al. 2013;
Zhang et al. 2014), and recently, thanks to the Atacama Large
Millimeter Array (ALMA) capabilities, it is possible to trace
magnetic fields close to the inner parts of the star forming cores
(e.g. Girart et al. 2018; Alves et al. 2018; Maury et al. 2018;
Beuther et al. 2018). However, this has been done only in a few
projects, and we need more (multiwavelength) observations to
draw a complete picture of the magnetic fields at different evo-
lutionary stages of the protostar.
In this paper we investigate the magnetic field of the high-
mass star forming region G9.62+0.20 by analysing ALMA ob-
servations of its dust emission at 1 mm (band 7). We introduce
G9.62+0.20 in Sect. 2. We describe our observations and the data
reduction in Sect. 3. In Sect. 4 we present a high-resolution po-
larised image of the dust emission, and we show the morphology
and the strength of the magnetic field. Then, we compare the re-
sults of the magnetic field direction strength obtained by our data
with the previous results obtained by masers and we discuss this
comparison in Sect. 5. In Sect. 6 we give our conclusions and fu-
ture perspectives, considering that this single case of study can
only be the starting point for a larger and more detailed study of
magnetic fields.
2. The case of G9.62+0.20
G9.62+0.20 (hereafter G9.62) is a well-studied star forming re-
gion, located at a distance of 5.2 kpc from the Sun (Sanna
et al. 2009), which presents several cores at different evolution-
ary stages. This source contains a number of ultra-compact H ii
regions, various masers, and hot molecular cores which drive
molecular outflows (e.g. Persi et al. 2003; Linz et al. 2005; Liu
et al. 2017, hereafter L17 and references therein). The filament
shows a fairly well-established evolutionary sequence, making it
clear that a sequential high-mass star formation is occurring in
the G9.62 complex on a parsec-scale, from west to east (Testi
et al. 1998, 2000; Liu et al. 2011).
Fig. 1 presents a Spitzer/IRAC three-colour composite image
of the region at 8, 4.5, and 3.6 µm (in red, green, and blue, re-
spectively). In this figure, letters from A to I denote the massive
young stellar objects that are known centimetre and millimetre
sources. The dark blue dots indicate the positions of the evolved
young stellar objects A, B, and C, while orange dots shows the
less evolved objects. As shown in Fig 1, the youngest sources
are located in a dense molecular clump to the east of A, B, and
C (Garay et al. 1993).
The L17 authors estimated for the G9.62 clump a mass of
∼ 2800 ± 200 M, a luminosity of ∼ (1.7 ± 0.1) × 106 L and
a mean number density of ∼ (9.1 ± 0.7) × 104 cm−3. Observa-
tions by JCMT/SCUBA at 450 µm also traced the dust emission
from the new generation of massive protostars which are form-
ing inside the clump and which are surrounded by photodissoci-
ation regions (PDRs) mapped by Spitzer/IRAC observations of
polycyclic aromatic hydrocarbon (PAH) at 8 µm (red contours in
Fig 1) (Hofner et al. 2001; Testi et al. 2000; Liu et al. 2011).
Submillimeter Array (SMA) observations at 345 GHz (860
µm) clearly revealed multiple components (Liu et al. 2011),
as shown in Fig 1 with yellow contours. The strongest (∼ 1
Jy/beam, ∼ 4.7′′ × 1.3′′) is concentrated on G9.62+0.20F. This
component, with no detectable H ii region but still surrounded
by hot dust, is in an early phase and presents signatures of disc
accretion (Cesaroni et al. 1994) and it should eventually evolve
into a B0 star (Testi et al. 1998). The SMA revealed a second
component (∼ 0.8 Jy/beam, ∼ 1.5′′ × 1.3′′) that is concentrated
on region E. The more evolved UC H ii region G9.62+0.20E,
likely excited by a B1 star, hosts the strongest 6.7 GHz methanol
maser known (Vlemmings 2008; Fish et al. 2005b). The same
SMA observations also detected a smaller third core, located in
the north-west part of the filament closer to G9.62+0.20C (∼ 0.2
Jy/beam, unresolved with SMA, ∼ 1.2′′ in size) with no other
related star formation tracers. This could thus be a failed core,
where the gravity potential was unable to overcome the mag-
netic pressure or a remnant core in the envelope of the UC H ii
region G9.62+0.20C (Liu et al. 2011).
Recent ALMA observations at 230 GHz further resolved the
G9.62 clump into 12 dense cores (named MM1–MM12, L17),
presenting a range of mass spanning from 4 M to 87 M. Five
of the 12 cores are manifest massive protostars. In L17, a pos-
sible evolutionary sequence was proposed by the analysis of the
chemistry and the outflow morphology detected for each core,
which is discussed in Sect. 5. In this paper, we refer to the entire
core n as MMn (e.g. MM8) and to its subcores by adding a letter
to the core name (e.g. MM8a, MM8b).
3. Observations and data reduction
G9.62 was observed with ALMA in band 7 between 13 May
for ∼3.5 hours and 27 June 2016 for ∼4.5 hours (Project
2015.1.01349.S, P.I. Wouter Vlemmings). The observations
were performed using 39 antennas of the ALMA 12 m array in
May and 42 antennas in June.
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Fig. 1. Spitzer/IRAC three-colour com-
posite image at 8, 4.5, and 3.6 µm in red,
green, and blue, respectively, of the star
forming region G9.62. Red contours maps
the Spitzer/IRAC observations of PAH at 8
µm. The contours level are linearly from
(0.1–0.9) × 2550 mJy/sr. The dark blue
dots indicate the position of the more
evolved source A, B, and C. The orange
dots denote the positions of the massive
young stellar objects denoted by the letters
from D to I. Yellow contours track the con-
tinuum emission from 860 µm SMA ob-
servations of the G9.62 clump (Liu et al.
2011). The contours are drawn from 0.03
Jy beam−1 and rising in steps of 0.12 Jy
beam−1. The noise level is 0.01 Jy beam−1
(Liu et al. 2011).
The four spectral windows with 2 GHz bandwidth each were
centred at 336.5, 338.5, 348.5, and 350.5 GHz and were divided
into 64 channels. The channel width is 31.25 MHz. At our fre-
quency, the primary beam of the ALMA 12 m array is 20′′,
which is large enough to encompass all our region of interest.
However, since the ALMA observatory currently regards only
the inner one-third of the primary beam as reliable for polari-
sation measurements, we used two fields centred on the main
continuum sources.
The phase centres of the two fields are (at J2000) R.A.
18:06:14.558, Dec. -20.31.30.05 and R.A. 18:06:14.889, Dec.
-20.31.40.149. The two fields are named North field and South
field. Two different array configurations were used (C36-3, C36-
4) with a total baseline range between 17 m and 630 m in May
and between 15 m and 850 m in June1. The two array con-
figurations correspond to a maximum recoverable scale (MRS)
θMRS ∼ 2.8′′.
The datasets were reduced using the Common Astronomy
Software Application package (CASA version 4.6.0), and the
calibration was performed using J1924-2914 and J1751+0939
as bandpass calibrator, J1733-1304 as flux calibrator, and J1832-
2039 as phase calibrator. J1924-2914 was also used as polarisa-
tion calibrator. For the calibration we followed the procedures
provided by the ALMA observatory. One spectral window was
partially flagged before imaging due to contamination by molec-
ular lines (see Sec. 4). The synthesised beam of the image is
0.34′′ × 0.25′′ (PA 88.53◦). The 1σ rms value of the Stokes I is
0.15 mJy beam−1, reaching a dynamic range of 294. The contin-
1 http://almascience.eso.org/observing/prior-cycle-observing-and-
configuration-schedule
uum image suffers dynamic range limitation because of partially
resolved out flux. Comparing the flux of the two brighter cores
E and F from previous SMA observations (Liu et al. 2011), for
which the flux is extracted over a similar region in our ALMA
observations, we estimate a flux loss between 30-60%, respec-
tively, on a scale larger than θMRS . The absolute flux loss of
our entire region compared to single dish observations (obtained
from the ATLASGAL database Thompson et al. 2006) over the
same area is of the order of 70%.
For the polarisation calibration, we followed the procedures
provided by the ALMA observatory. The minimum polarisa-
tion value in our data is higher than the minimum value rec-
ommended by ALMA (0.3 % of the total intensity of each core,
see Tab. 2) and any remaining instrumental polarisation signa-
tures are smaller than 0.1 mJy beam−1. The analysis of the lin-
ear polarisation was conducted on each target field imaged sep-
arately, and considering only the main substructures inside the
recommended inner third of the primary beam for the two point-
ings, as shown in Fig. 2. The 1σ rms value of the linear po-
larised image is on average σP=0.08 mJy beam−1, obtained us-
ing σP =
√
[(Q × σQ)2 + (U × σU)2]/(Q2 + U2) and we con-
ducted the polarisation analysis above a signal-to-noise ratio of
4. This selection was applied to perform the analysis of the po-
larised emission and the magnetic field only in the proximity of
the cores. We combined the U and Q data cubes to produce cubes
of polarised intensity (IP=
√
Q2 + U2 − σ2P) and polarisation an-
gle (ψ = 1/2 × atan(U/Q)). The error on polarisation angles in-
cludes the formal error due to the thermal noise (Wardle & Kron-
berg 1974) and this error is given byσtn = 0.5(σP/IP)×(180◦/pi).
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0.1 pc
Fig. 2. Total intensity image of the star forming region G9.62+0.19 at 1
mm wavelength. The yellow circles with the diameter of ∼ 7′′ indicate
the inner one-third of the primary beam for the two pointings which
are overlapping. The yellow bar indicates the physical scale of 0.1pc,
computed at the distance of the source. The colour bar indicates the
intensity of the emission in Jy beam−1.The offsets are relative to the
absolute position α2000 = 18h06m14.78000s, δ2000 = −20◦31′34.90′′.
The white ellipse represents the beam.
For the 4σ cut this value corresponds to 7.2 degrees and for the
strongest peaks this decreases to 0.7 degrees.
4. Results
4.1. Detection of the cores
In Fig. 2 we present the Stokes I image of the G9.62 clump as
seen in our ALMA band 7 continuum observations. The two yel-
low circles outline the inner third of the two pointings that we ob-
served in this project. The filament presents a highly fragmented
structure, extending from the north-west to the south-east direc-
tion. We confirm the presence of the 12 dense cores, including
the main three continuum peaks MM3, MM4, and MM8, already
seen in the previous ALMA band 6 observations by L17. In ad-
dition, since our ALMA band 7 observations have about three
times higher angular resolution than L17, we identify several
other substructures that have signal-to-noise ratios above 40 σ.
In Tab. 1 we list 23 cores and their characteristics, and we iden-
tify these in Fig. 3. The positions, peak flux densities, integrated
fluxes, and sizes of the cores are obtained from two-dimensional
Gaussian fits performed with CASA task IMFIT. We observe the
presence of large amount of extended emission that we model us-
ing single Gaussian and point-like sources. This analysis is based
on the combined dataset of both observed fields.
4.2. Spectral index of the dust emission
In Tab. 1 we also give the values of the spectral index α, com-
puted considering the integrated intensities of the cores from
ALMA band 6 observations (L17) and similar visibility cover-
age to our observations. For a relevant measurement of the spec-
tral index, each of the spectral windows in the two datasets were
imaged (line free channels) using only the overlapping uv dis-
tances (20–360 kλ) and restoring the images with a circular beam
of 0.9′′. While this limits the comparison to the peaks given in
L17, it can hint at the evolutionary status of the cores which can
then be compared to the polarisation images.
The dust emission at submillimetre wavelengths can be rep-
resented by a grey body, with intensity varying smoothly as a
function of frequency. Having measured the intensity of dust
emission at two submillimetre frequencies, it is possible to de-
scribe the spectral energy distribution (SED) of each core using
the spectral index of the dust emission α defined as
α =
ln(S a/S b)
ln(νb/νa)
, (1)
where S a and S b are flux densities at frequencies νa and νb,
respectively (Williams et al. 2004).
Within the errors all the cores present roughly the same spec-
tral index. Since α depends on a combination of several fac-
tors, the uncertainties are influenced by the errors on the opacity,
beam-averaged dust temperature, and spectral index of the dust
opacity (β, defined as τ ∝ νβ). Also the absolute flux calibration
uncertainty is a significant source of error, although this is a sys-
tematic error in the spectral index for all regions that can be up
to 0.2 (based on 10% flux calibration uncertainties). Moreover,
changes in the composition of the dust grains and temperature
variations through the dust envelope can influence α . The mod-
els developed by Ossenkopf & Henning (1994) predicted that β
changes if the dust grains do not have ice mantles; this should be
the case of some of our cores, since they are in the hot core phase
reaching inner dust temperatures higher than 100 K. This fact is
also confirmed by the detection of CH3OH and CH3CN, well-
known molecular tracers of hot cores (Qiu et al. 2014), pointing
to high temperature and high density regions where the envi-
ronment is warm enough to melt ice mantles and permit grain
growth (Williams et al. 2004).
We can use an estimate of the temperature of dust grains
within the cores to calculate the spectral index of the dust opacity
β = (α + ∆α) − 2 , (2)
where ∆α is defined as the Rayleigh-Jeans correction factor
(Williams et al. 2004).
The dust temperatures are closer to the equivalent tempera-
ture at a given frequency Tν = hν/k than a Rayleigh-Jeans ap-
proximation would permit, where h is the Planck constant and
k is the Boltzmann constant in cgs unit. Thus, for frequencies
νa = 230 GHz and νb = 340 GHz in ALMA band 6 and band 7,
we obtain Tνa = 11 K and Tνb = 16 K, respectively, from which
we can estimate the correction ∆α as
∆α =
ln
(
eTνb/Td−1
eTνa/Td−1
)
ln(Tνb/Tνa )
− 1 . (3)
Assuming a dust temperature of Td1 ∼ 100 K and Td2 ∼ 35
K in the hot cores and in the starless cores, respectively (val-
ues proposed by L17), we obtain from Eq. (3) ∆α1= 0.06 and
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Fig. 3. Left panel: total intensity image of the star forming region G9.62+0.19, with the identified cores. The offsets are relative to the absolute
position α2000 = 18h06m14.78000s, δ2000 = −20◦31′34.90′′. The white ellipse represents the beam and the yellow ellipses represent the dense cores
identified by the Gaussian fit and illustrated in Tab. 1. The colour scale goes from -0.01 to 0.45 Jy beam −1. Right panel: residual image in which
the black ellipses represent the dense cores as before. The colour scale goes from -28.37 to 30.65 mJy beam −1. In both panels, the yellow bar
indicates the physical scale of 0.1 pc, at the distance of the source.
∆α2=0.20 in the two environments. We then estimate the spec-
tral index of the dust opacity β using Eq. (2), and report all the
values in Tab. 1. Since the error on ∆α depends on the uncer-
tainty on Td, which were not estimated by L17, the error on β
has the same order of uncertainties of the spectral index α and
could be underestimated.
4.3. Column densities and masses of the cores
Given the above values for the dust temperature Td, and follow-
ing the approach described in L17, we can estimate the H2 col-
umn densities (NH2 ) and gas masses for the regions. The inte-
grated flux S ν from thermal dust is
S ν = Bν(Td)
[
1 − e−τd ] Ωs, (4)
where the observed frequency ν is expressed in Hz, Ωs is the
solid angle in steradiants, and τd is the optical depth. From the
Planck function
Bν(Td) =
2hν3
c2
1
e
hν
kTd − 1
, (5)
where c is the velocity of light in cm s−1. Considering a dust
temperature of Td1 ∼ 100 K and Td2 ∼ 35 K in the hot cores
and in the starless cores, we can derive from Eq. (5) the optical
depth τd and we can compute the mass of the dust Md, which is
defined as
Md =
Ωsd2τd
κν
, (6)
where κν is the dust opacity per unit dust mass and d is the
distance in cm. We derived the dust opacity index κν from Os-
senkopf & Henning (1994) for grains with ice mantles using
κν = κ0
(
ν
ν0
)β
. (7)
We also take into account two different density regimes for
dense hot cores and for starless cores, as reported in L17. In the
first case we adopted an average number density n =106 cm−3 for
the denser cores MM4, MM7, and MM8 and κ300GHz ∼ 1.37 cm2
g−1 provided by Ossenkopf & Henning (1994). In the second
case, we assumed n =105 cm−3 for starless cores MM1a, MM3a,
MM9, and for the young sources MM6c and MM11a and we
derived κν from κ230GHz ∼ 0.9 cm2 g−1 given by Ossenkopf &
Henning (1994). We consider a gas-to-dust mass ratio of 100
and thus we obtained the column densities from
N(H2) =
Mg
τd
µmHΩsd2, (8)
where Mg is the mass of the gas.
The derived values are presented in Tab. 1: the core masses
range between roughly 10 M and 40 M and the column den-
sities between 2 × 1024 and 6 × 1025 cm2, which are a factor of
10-100 larger than the mean values reported in L17. The optical
depth ranges typically between 0.2 and 0.9 with uncertainties of
∼20%, mainly determined by the errors on the dust model and
on the radii from the Gaussian fits, spectral index, and tempera-
ture. For sources MM7 and MM8 the errors on the optical depth
are much larger and we can only constrain τd < 3.5. The uncer-
tainties on the optical depth may cause an overestimation of the
mass if the emission becomes optically thick. Therefore consid-
ering all these uncertainties, the errors of the masses and column
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densities are difficult to quantify and they could be more than a
factor of 5 and less than a factor of 10.
4.4. Detection of linear polarisation and magnetic field
morphology
We detect linear polarised emission in six regions: two in the
northern field (from MM3 and MM4) and four in the southern
field (from MM7, MM8, MM9 and MM11a). The total inten-
sity (Ipeak) and linear polarised intensity (Ipol) are reported in
Tab. 2. The linear polarised emission coming from the north-
west source MM3 is particularly strong, and the polarised signal
at its peak is 10% of the total intensity. This value must be con-
sidered as an upper limit because of the flux loss, which is higher
in the stokes I than in the polarised signal. A zoom-in of the four
cores is given in Fig. 4 and Fig. 5, where the black contours
represent the linear polarised emission and the white segments
denote the magnetic field, where we assumed that the magnetic
field is perpendicular to the linear polarisation vectors.The sam-
pling of the vectors, only in these figures, are every 165 by 165
mas. At our densities and at the given scales the polarised sig-
nal is dominated by magnetic field effects and not by scattering
(Kataoka et al. 2016, 2017). The polarisation vectors in each of
the six cores exhibit an ordered structure indicating that the mag-
netic field may be important in these sources, because, in case of
turbulence dominated regions, the polarisation vectors distribu-
tion would have been less ordered. While in all the cores in MM3
and MM4, and in MM7, MM8c, MM9, and MM11a the polar-
isation vectors show smooth angle shifts, in the more extended
region including the subcores MM8a and MM8b the polarisation
angle distribution resembles a spiral structure. Nevertheless, the
magnetic field morphology of the whole region seems to follow
the direction of the stream of dust along the filament. In Fig. 5
the dotted yellow circle indicates the inner one-third of the pri-
mary beam (as already described in Fig 2). Following ALMA
recommendations we have excluded from our analysis the po-
larised emission coming from MM6 and MM11c, since they are
located beyond the one-third of the primary beam.
4.5. Magnetic field strength
4.5.1. Davis-Chandrasekhar-Fermi method
The magnetic field strength in a gas can be inferred by applying
the Davis-Chandrasekhar-Fermi (DCF) method (Davis & Green-
stein 1951; Chandrasekhar & Fermi 1953), following the proce-
dure described in Planck Collaboration et al. (2016). Given the
volume gas density ρ, the angular dispersion of the local mag-
netic field orientation σψ and the one-dimensional velocity dis-
persion of the gas σν, the strength of the magnetic field compo-
nent in the plane of the sky in Gauss is
BDCF⊥ = ξ
√
4piρ
σν
σψ
, (9)
where we assume that the magnetic field is frozen in the medium
and the dispersion of σψ is due to transverse and incompressible
Alfvén waves. In Eq. (9), ρ = µnmH is in g cm−3, σν is cm
s−1 and σψ is in rad. The correction factor ξ is usually taken as
0.3 ≤ ξ ≤ 0.5 and it has been derived by simulations of MHD
turbulence in molecular clouds (Ostriker et al. 2001; Padoan
et al. 2001; Heitsch et al. 2001; Falceta-Gonçalves et al. 2008).
To avoid an overestimate of BDCF⊥ , ξ must be applied in case of
strong magnetic field (i.e. σψ ≤ 25◦). Crutcher et al. (2003)
however pointed out that self-gravitating cores were not prop-
erly resolved in those simulations, since the simulations were
halted after the formation of dense filaments because of insuf-
ficient resolution to follow the evolution further (Crutcher et al.
2003). Moreover, Cho & Yoo (2016) argued that in the pres-
ence of averaging (e.g. on σψ along the line of sight or on the
polarisation angle within the telescope beam) the DCF method
tends to overestimate the magnetic field strength and thus they
proposed a correction factor 0.7 ≤ ξ ≤ 1.0. Therefore, con-
sidering all these effects, we decided to use a correction factor
ξ = 0.5, as proposed by Crutcher et al. (2003). We also assume a
mean molecular weight of 2.8mH and we use an average number
density n = 106 cm−3 for denser cores MM4 and MM8, while
n = 105 cm−3 for less dense cores MM3 (n are from L17).
The angular dispersion of the local magnetic field orienta-
tions has been estimated over the selected pixels in each POLI
images, considering
σψ =
√
〈(∆ψ)2〉 (10)
∆ψ = 0.5 × arctan
(
Q〈U〉 − 〈Q〉U
Q〈Q〉 − 〈U〉U
)
, (11)
where ψ is the polarisation orientation angle.
The L17 authors observed some molecular species emitted
from the same cores that we observed in our data. We make use
of CH3OH lines from L17 (either from their Table 2 or their
spectra) to estimate the velocity dispersion σν ∼ ∆ν/
√
8 ln 2.
Then we calculate the BDCF⊥ for the cores MM3, MM4, MM8,
whose values are reported in Tab. 2.
The formal uncertainties on the magnetic field strength are
computed considering the errors propagation on the angle and
velocity dispersion. However the absolute uncertainties for the
DCF method are larger because of the uncertainties on the den-
sity n, which we assume to be in the range n = 105 ∼ 106 cm−3 ,
considering the error on the correction factor of the order of 30%
(Crutcher et al. 2003).
The estimates of σψ were performed using the “classical”
variance, calculated around the circular mean (Jammalamadaka
& SenGupta 2001; Pewsey et al. 2013), selecting an individual
region for MM3, MM4, and MM8. MM4 presents a central core
and it is elongated to the west. The L17 work does not report any
velocity dispersion for MM3, therefore we assumed the same
values of velocity dispersion used for MM4. MM8 presents also
a complex structure that has two filaments of gas with the shape
of spiral arms around a central core. MM7, MM8c, MM9, and
MM11a are very compact sources, showing no specific struc-
ture. They are too close to a point source to obtain reasonable
estimates of the magnetic field using them alone. Therefore, we
estimated σψ considering only the entire core MM8.
However, the magnetic field values obtained from this
method should be considered as order-of-magnitude estimates
because they do not fully encompass the complexity of the field
dynamics in each part of the protostar. For example, the value
of σψ is an average of magnetic field vectors and it is really
difficult to determine the region in which this average must be
computed, especially in sources showing complicated structures
such as G9.62. In addition it is not clear which turbulent veloc-
ity is relevant for the dust (we used CH3OH in Tab. 2) and this
results in one more uncertainty in the DCF method.
Following Planck Collaboration et al. (2016), in Fig. 6 we
plot the histogram of the distribution of polarisation orientation
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Table 2. Polarised intensities and magnetic field parameters.
Core Ipeak Ipola σψb σνc BDCF⊥ b BS F⊥ Bt/B0
(mJy beam−1) (mJy beam−1) (◦) (km s−1) (mG) (◦) (mG)
MM3 27.6 2.79±0.07 41.8 ± 0.1 2.00 ± 0.01 0.33 ±0.02 11.9 ± 0.2 3.30 ±0.07 0.2
MM4 321.6 1.80±0.06 28.0 ± 0.4 2.00 ± 0.01 1.57 ±0.02 9.4 ± 0.3 13.18 ±0.42 0.1
MM7 168.9 0.66±0.08 — — — — — —
MM8a 366.7 1.74±0.08 30.5 ± 3.8 2.35 ± 0.01 1.64 ±0.02 8.6 ± 0.4 17.10 ±0.75 0.1
MM8c 44.6 1.25±0.08 — — — — — —
MM9 63.4 0.91±0.07 — — — — — —
MM11a 42.8 0.54±0.10 — — — — — —
Notes. (a) Ipol are taken at the peak of the polarised intensity. In case of MM3 and MM4 the peak is located in MM3a and MM4a, respectively.
(b) All the values of σψ are obtained using the classical variance, calculated around the circular mean (Jammalamadaka & SenGupta 2001; Pewsey
et al. 2013), over regions covering MM3, MM4, and MM8. (c) All the values of σν are obtained by Liu et al. 2017, Table 3, using methanol
emissions.
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Fig. 4. Zoom on the cores MM3 and MM4 with the relative subcores. Left panel: the contours represent linearly polarised emission and the levels
are (0.3, 0.5, 1.0, 1.5, 2.0) mJy beam−1. Right panel: the segments indicate linear polarisation vectors already rotated of 90◦ to show the orientation
of the magnetic field. Only in this figure, the sampling of the vectors are every 165 by 165 mas. In both, the offsets are relative to the same position
as in Fig. 3 and the colour scale indicates the total intensity of the background image in Jy beam −1, going from -0.01 to 0.45 Jy beam −1; the
yellow bar indicates the physical scale of 0.05 pc, at the distance of the source.
angles ψ towards the regions of MM3, MM4, and MM8. Each
bin is 10◦ wide. From the plot, all the cores present a large distri-
bution of polarisation orientation angles. A broad distribution of
polarisation orientation angles can imply an overestimate of σψ
and consequently it can cause an underestimate of the magnetic
field. For example, MM8 exhibits a spiral-shaped pattern of the
polarisation segments resulting in a histogram with a large dis-
tribution of ψ and its magnetic field is probably underestimated.
Moreover, the magnetic field structure inside a dense molec-
ular cloud may be subject to effects that are not considered in
the DCF analysis, such as differential rotation, gravitational col-
lapse, or expanding HII regions. Therefore, we may observe a
distortion in polarisation position angles due to large-scale non-
turbulent effects. As a consequence, the dispersion values mea-
sured about mean fields, assumed to be straight, can be much
larger than should be attributed to MHD waves or turbulence
(Hildebrand et al. 2009; Houde et al. 2009).
4.5.2. Structure function of the polarisation orientation angles
A possible way to overcome the problem of the underestimate of
BDCF⊥ is by measuring the structure function (SF), also known as
dispersion function of the polarisation orientation angles (Hilde-
brand et al. 2009; Houde et al. 2009; Koch et al. 2010). It con-
sists in computing the mean absolute difference between polar-
isation angles as a function of their displacement l. Large val-
ues of the SF indicate large variations, while small values ex-
press a small dispersion between measured polarisation angles.
The advantages of this method are that the SF does not depend
on any model of the large-scale field. Nevertheless, it can only
be applied under the same conditions as the DCF method, i.e.
a smooth low-noise polarisation image, well-known densities,
and moderately uniform gas velocities. This method, however,
provides an estimate of the turbulence to large-scale magnetic
field strength ratio. Following Hildebrand et al. (2009), Houde
et al. (2009), and Koch et al. (2010), in the right panel of Fig. 6
we plot the magnetic field dispersion S (l), which is the square
root of the SF of the polarisation orientation angles towards each
source S 2(l) = b2 + m2l2 + σ2M(l), where b represents the turbu-
lent contribution to the angular dispersion, m2 is a constant, and
σ2M(l) is the uncertainty on the polarisation angles. We consider
a displacement l > 0.15′′ to avoid length scales smaller than the
beam. In the plot, the data are binned with a width of 0.15′′ and
using Nyquist sampling. The errors are computed as the standard
deviation of the values inside the bin. The magnetic field is com-
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(as already described in Fig 2).
Fig. 6. Left panel: histograms of polarisation orientation angle ψ, towards the sources MM3, MM4, and MM8. Nyquist sampling was applied and
each bin is 10◦ wide. Right panel: square root of the SF of the polarisation orientation angles, S (l) for the cores MM3, MM4, and MM8 represented
by the black dots, blue stars, and red triangles, respectively. The best fits for MM3, MM4, and MM8 are plotted as the dotted black line, dashed
blue line, and solid red line, respectively. In the SF plot, we applied Nyquist sampling and a bin of 0.15′′.
posed by a large-structured field B0 and by a random component
Bt and their relationship is given by
Bt
B0
=
b√
(2 − b2)
. (12)
Considering the same assumptions valid for the DCF
method, i.e. incompressible and isotropic turbulence, magnetic
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field frozen into the gas, and dispersion of the B⊥ orientation
originating in transverse incompressible Alfvén waves,
Bt
B0
=
σν
σA
, (13)
where σA = B0(4piρ)−
1
2 is the Alfvén velocity.
Combining Eq. (12) and Eq. (13) we obtain the magnetic
field component on the plane of the sky computed using the SF
method
BSF⊥ =
√
4piρ
σν
√
2 − b2
b
. (14)
When Bt  B0, then Eq. (14) can be approximated
BSF⊥ '
√
8piρ
σν
b
. (15)
For the details of the mathematical demonstration of the pre-
vious formulae, we refer to Appendix A in Hildebrand et al.
(2009) and Appendix D in Planck Collaboration et al. (2016).
By fitting S 2(l), we can derive the intercept of the fit b2, and
its square root gives an alternative measure for the dispersion
of polarisation angles σψ (see Tab. 2). In Tab. 2 we also re-
port the magnetic field component on the plane of the sky com-
puted using the SF method and the ratio Bt/B0 showing that the
large-scale magnetic field dominates the turbulent component.
We considered the regions MM3, MM4, and MM8. As described
in Houde et al. (2009) and Koch et al. (2010), we estimated the
number of turbulent cells N∼2 from
N =
(δ2 + 2W2)∆′√
2piδ3
, (16)
where W is beam radius, ∆′ is the effective depth of the
molecular cloud along the line of sight, and δ is the turbulent
correlation length. Considering the distance of our source, our
beam radius (∼ 0.15′′) results in a physical size of W ∼ 3.7 mpc.
We assumed a ∆′ ∼ 40 mpc, which is approximately the size of
our cores and a δ ∼ 10 mpc, which is comparable to estimates
made for other similar cores (Girart et al. 2013; Frau et al. 2014;
Juárez et al. 2017). Therefore, the beam effect correction results
∼ √N = 1.4, which does not produce a significant change in
our Bt/B0 ratio. This is consistent with the view proposed by
Koch et al. (2010), where the beam correction is important for
low-resolution data, but it is less important for high-resolution
observations.
4.5.3. Turbulent-to-magnetic field energy ratio
We can determine the one-dimensional Alfvén velocity σA ∼ 15
km s−1, assuming that the component along the line of sight is
the same on the plane of the sky and considering an approximate
mean magnetic field strength in the plane of the sky of the order
of 11 mG (assumed from BSF⊥ values in Tab. 2) and a typical
number density of 106 cm−3 (L17).
The comparison of σA with the one-dimensional velocity
dispersion for each individual core σν (Tab. 2) indicates that any
turbulent or infall velocity is below the Alfvénic velocity. The
ratio σν/σA ∼ 0.16 is consistent with the values that we find for
Bt/B0 ratio. We estimate the ratio of turbulent-to-magnetic en-
ergy as γ ∼ 3(σν/σA)2 (Beuther et al. 2018; Girart et al. 2009).
Using the larger line-of-sight velocity dispersion found for the
cores in MM8 (σν = 2.35 km s−1), the turbulent-to-magnetic
energy ratio is γ ∼ 0.07. Thus, the magnetic energy along the
filament appears to dominate over the turbulent energy indicat-
ing that magnetic field seems to be playing a more dominant role
than turbulence.
The important role played by the magnetic field might also
influence the morphology and fragmentation of the filament, re-
sulting in a tiny number of low-mass protostars. Simulations per-
formed by Inoue & Fukui (2013) suggested that because of en-
hanced magnetosonic speed and turbulence behind the shock,
the effective Jeans mass and the mass accretion rate can have
a larger value in this region, triggering the formation of mainly
massive cores. From their simulations, which include MHD con-
tributions, massive star formation is naturally triggered when the
massive filament collapses globally. However, the lack of low-
mass protostars along the filament could also be justified consid-
ering other theories such as the “collect and collapse” process,
as discussed in L17. External heating coming from the two H ii
regions (B and C see Fig. 1) and internal heating generated by
outflows from hot molecular cores (such as MM8 or MM4) in-
creased the thermal Jeans masses and consequently suppressed
the fragmentation.
4.6. Mass to magnetic flux ratio
Another way to quantify if the magnetic field can affect the frag-
mentation and formation of new stars is to estimate the mass-to-
flux ratio (M/ΦB). This ratio defines the stability of a region and
whether a static magnetic field can support a cloud against gravi-
tational collapse (Crutcher 1999; Troland & Crutcher 2008). The
mass-to-flux ratio in units of critical mass-to-flux ratio is
λ = (M/ΦB)obs/(M/ΦB)crit ∼ 7.6 × 10−24NH2/B , (17)
where (M/ΦB)crit and (M/ΦB)obs are the theoretically deter-
mined critical mass-to-flux ratio (Nakano & Nakamura 1978)
and the observed mass-to-flux ratio, respectively, with NH2 in
cm−2 and B in mG.
Using the column densities and the average magnetic field
obtained from the SF analysis reported in Tab. 1 and Tab. 2, re-
spectively, we get λ varying roughly from 8 to 13. Looking at
the mass-to-magnetic-flux ratio, the G9.62 clump appears to be
super-critical, which is consistent with Cortes & Crutcher (2006)
because λ is several order of magnitude above the critical value
and indeed star formation is occurring in the filament.
However, the column density used to determine λ naturally
implies an average density that is much higher than the density
adopted in the magnetic field calculation (Eqs. 9, 15), when as-
suming a source size along the line of sight similar to that on the
plane of the sky. Hence, the magnetic field strength measured
is not necessarily representative of the magnetic field support-
ing the core, which means that λ is strictly an upper limit and
could be more than an order of magnitude smaller. This illus-
trates one of the main uncertainties of estimating λ from dust
polarisation measurements. In addition, Eq. (17) comes from
cloud models computed from initially uniform, spherical clouds
with initially uniform magnetic fields. If the mass is differently
funnelled along magnetic flux lines, then it results in a different
(M/ΦB)crit, which can be higher by a factor of 2 (Mouschovias
1991). Moreover, if the cores are supported primarily by static
magnetic fields, they should have flattened structures and there-
fore NH2 should be measured parallel to the magnetic field to
correctly estimate the mass-to-flux ratio.
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Thus, taking into account all the approximations and uncer-
tainties on λ, on the column densities and on the magnetic field
strength obtained with the SF method, these values of the mass-
to-magnetic-flux ratio should be considered with caution.
4.7. Detection of thermal line polarisation
In one of the spectral windows, molecular emission was detected
from the core MM4a with a peak at 337.6 GHz. We performed
the continuum subtraction and we detected linearly polarised
emission only from the core MM4a and in few channels around
the peak of the line emission. Therefore we exclude any depen-
dence on the position within one-third of the primary beam. In
our observations we do not have enough spectral resolution to
identify unambiguously the molecular species. Considering for
MM4a a velocity of ∼2 km s−1 (from L17), methanol or sulphur
dioxide are the most likely candidates, since they are species that
have already been observed in the core (L17) and both of these
present several lines at the frequency of the observed peak.
In Fig. 7 we plot the total line intensity, linear polarisation
contours, and vectors indicating the polarisation direction al-
ready rotated of 90◦. It is ambiguous, for the polarisation result-
ing from the Goldreich-Kylafis effect, whether the magnetic field
orientation is identical to the polarisation orientation or whether
a 90◦ rotation is necessary. We decided to plot the polarisation
vectors already rotated by 90◦. This decision was made under a
few assumptions based on the analysis performed by Cortes et al.
(2005) for the CO line. The linear polarisation can be perpendic-
ular to the magnetic field lines in presence of a velocity gradient
which is smaller in the direction parallel to the magnetic field.
If we consider the direction of the magnetic field probed by our
dust observations and we look at the direction of the velocity gra-
dient in Fig.5 in L17, we see that this condition is valid for MM4.
We are then assuming an anisotropy of the radiation field which
can allow an emission polarised in the direction perpendicular
to the magnetic field. However, we emphasise that we are con-
scious of the ambiguous behaviour of the polarisation resulting
from the Goldreich-Kylafis effect and that the work by Cortes
et al. (2005) was proposed for another molecule. Even if we do
not have firm information about the radiation field, we present
the direction already rotated by 90◦ to show a tentative compari-
son between the three independent methods to infer the magnetic
field (see Sect. 5.2). For a more complete analysis, more detailed
knowledge about the radiation field and the optical depth of the
molecule is needed.
The total intensity peak is 0.52 Jy beam −1, and the linear po-
larised intensity is 2.38 mJy beam −1. The polarisation threshold
is 1.4 mJy beam −1 and the rms is 0.4 mJy beam −1. The direction
of the linear polarisation is consistent with that of core MM4a
observed with the dust, while it is perpendicular to the direc-
tion of the vectors marking the elongated structure in north-east
direction. Because of the lack of spectral resolution and the un-
certainty in the identification of the molecule, we do not further
analyse the 336.7 GHz line.
5. Discussion
5.1. Magnetic fields in different evolutionary stages
Since complex organic molecules are good tracers of core evo-
lution (Qin et al. 2010), L17 suggested that the presence of
molecules such as CH3OH and CH3OCHO in MM4 and MM8
(and relative subcores) indicates that both cores are in a hot
molecular core phase2. Moreover, again according to L17, MM8
is less evolved than MM4 because MM8 is driving energetic out-
flows and it might be still in accretion phase. MM3 is instead a
starless core, probably at an early evolutionary phase (L17).
Therefore the evolutionary sequence from less evolved core
to more evolved core is MM3→MM8→MM4. Depending on
the exact evolutionary stage, we could expect to observe highly
ordered magnetic fields in the more quiescent cores, while the
field in the more evolved protostars is less uniform. As shown in
Fig. 4 and Fig. 5, our band 7 observations reveal an elongated
structure for MM3, MM4, and MM8 and several subcores show-
ing polarised emission.
In MM3 we detected the strongest linear polarisation fraction
observed in G9.62 and the field lines are organised in a orderly
pattern. However in MM3 the resulting B⊥ is probably underesti-
mated since, to perform the magnetic field analysis, we assumed
the same emission of CH3OH observed in MM4 and L17 did not
report any line for this core. Moreover, although MM3 shows
a highly polarised flux, its spectral index is not really different
from the other cores. Therefore, it may be possible that MM3
is at an early evolutionary phase and the collapse did not start
yet because gravity was unable to overcome magnetic pressure
in this core.
MM4 is the most evolved core (L17 and references therein),
since it shows a strong continuum emission and no molecular
outflow. It presents a elongated profile in the north-west direc-
tion and the linear polarisation vectors show a orderly patter.
MM4 shows a broad distribution of ψ (Fig. 6) but only one peak,
indicating the presence of one component and a less complex
magnetic field. From Fig. 5 in L17, we can also see that MM4
presents a range of velocities from ∼1 km s−1 to ∼3 km s−1.
MM8 is in an early hot core stage showing outflows and clear
signatures of accretion (L17). In our total intensity image, MM8
exhibits a structure along the north-south direction and the po-
larisation vectors are organised in a peculiar spiral shape. This
could be a signature of compressed magnetic field due to in-
falling material that is accreted by the young protostars, and the
magnetic field lines are still frozen in the medium. The broad dis-
tribution of polarisation orientation angles that we find in Fig. 6
could be due to the presence of separate components. From Fig.
5 in L17, we can also see that MM8 presents a range of velocities
broader than MM4, spanning from ∼1 km s−1 to ∼6 km s−1.
Since we do not have molecular lines observations at the
same resolution in the same region in our Band 7 data, we could
not perform any velocity field analysis. We decided to exclude
MM3 from the comparison, since its magnetic field could be un-
derestimated. Thus, we focussed only on MM8 and MM4; in-
terpreting the magnetic field data in terms of the evolutionary
stages, we observe a magnetic field stronger in the youngest core
MM8 than in the more evolved source MM4. This is consistent
with the scenario in which magnetic fields are influencing star
formation and it is symptomatic of an evolution of the magnetic
field strength and morphology during the entire star formation
process.
At small scales of 0.1 pc, all the cores in MM3, MM4, and
MM8 present magnetic fields that are organised and non-chaotic.
Comparing the direction of the outflows studied by L17 with the
2 Liu et al. (2017) performed SED fittings and obtained archived data
from Herschel (70, 160, 250, 350, and 500 µm ), JCMT/SCUBA (450
and 850 µm continuum), APEX/LABOCA (875 µm continuum im-
ages), and SEST/SIMBA (1.2 mm continuum image). For the spectral
lines analysis they made use of ALMA band 6 data. All the details are
reported in Appendix A in L17. For further references see also Sec.2.
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Fig. 7. Total intensity image of the thermal line emitted in the core MM4a. Left panel: the contours represent linearly polarised emission and
the levels are (1.4, 1.9, 2.3) mJy beam−1. The linear polarisation peak intensity is 2.38 mJy beam−1. Right panel: the segments indicate linear
polarisation vectors already rotated by 90◦ to show the orientation of the magnetic field. The sampling of the vectors are every 165 by 165 mas.
In both panels, the offsets are relative to the same position as in Fig. 3 and the colour scale indicates the total intensity in Jy beam −1, going from
-0.01 to 0.52 Jy beam −1; the yellow bar indicates the physical scale of 0.05 pc at the distance of the source.
direction of the magnetic field indicated by our linear polarisa-
tion observations, we see that they are perpendicular, which is
partially in disagreement with the finding of Hull et al. (2013).
Since there is a correlation between the orientation of the axes of
the molecular outflow and the magnetic field, it could be a sig-
nature of a magnetically regulated evolution. The magnetic field
could be strong enough to funnel the gas along the field lines and
regulate the accretion and disc orientation.
Furthermore, it seems that the cores presenting a uniform
magnetic field, such as MM3 or MM4, are less fragmented than
the other cores not showing polarisation. We also estimate on
average a turbulent-to-magnetic energy ratio of γ ∼0.07, indicat-
ing that the magnetic energy along the filament dominates over
the turbulent energy. Moreover the orientations of the magnetic
field segments in our ALMA observations (core-scale) are con-
sistent with those in JCMT/POL-2 observations (clump-scale)
(Liu et al. 2018). Therefore, this can be a further evidence that
magnetic fields have a strong influence on the star formation pro-
cesses in this clump, playing an important role in the collapse
and fragmentation phase.
5.2. Tentative comparison between dust continuum, thermal
line, and maser data
In this section we want to discuss a tentative comparison of the
resulting magnetic field for the G9.62 clump obtained by three
different and independent methods: the analysis of the linear
polarised light emitted by dust in the continuum (DCF and SF
methods), the analysis of the linear polarised light emitted by
thermal molecular transitions, and the analysis of the polarised
maser emission.
In Fig. 8, we plot a summary of the magnetic field direc-
tions obtained from our ALMA 348 GHz data and from 1.6
GHz OH masers observations (Fish et al. 2005a; Fish & Reid
2006). In this figure, the linear polarisation segments are over-
plotted on the total intensity image of the filament. The seg-
ments are already rotated by 90◦, indicating the direction of the
magnetic field as inferred by different observations at different
wavelengths. In general, the magnetic field exhibits an ordered
structure along the direction of this filament. Comparing the di-
rection of the outflows studied by L17 with the direction of the
magnetic field denoted by our linear polarisation observations,
we see that they are perpendicular. In addition, if we assume a
rotation of 90◦, the linear polarisation vectors obtained from the
thermal line analysis in the core MM4a point the same direc-
tion indicated by the polarised dust (Fig. 8). Moreover, the av-
eraged magnetic field strength on the plane of the sky obtained
from our analysis (of the order of 11mG) is comparable with
the component along the line of sight, already proposed by OH
and CH3OH masers observations (Vlemmings 2008). Indeed OH
maser Zeeman splitting observations indicate a magnetic field
strength of ∼5 mG. The magnetic field determined from the
6.7 GHz methanol masers also revealed a similar strength. The
linear polarisation vectors from the OH masers appear consis-
tent with our linearly polarised data, but unfortunately the small
number of maser observations hinders a quantitative demonstra-
tion. Even though the thermal line, masers, and dust polarisation
probe very different physical processes and likely very differ-
ent volumes as well, observations towards the massive protostar
IRAS18089-1732 (Dall’Olio et al. 2017; Beuther et al. 2010)
showed that the same magnetic field can affect both the small
scale of few astronomical units around the protostar (probed by
masers) and the large scale of the torus (probed by dust). The
alignment of the geometry between the dust emission (coming
from the core) and the thermal line emission (coming from the
envelope) has also been found in DR21(OH) (Lai et al. 2003;
Cortes et al. 2005), suggesting a connection between the mag-
netic field in the core and that in the envelope. So further obser-
vations of polarised thermal line, masers, and dust are needed to
investigate the alignment of the magnetic field at different scales
of star forming regions.
6. Conclusions
In this paper, we presented our investigation of the magnetic field
morphology of the well-known high-mass star forming region
G9.62+0.19. We analysed ALMA band 7 continuum observa-
tions and we identified 23 cores and substructures. For these we
reported the position, peak flux densities, integrated flux, decon-
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Fig. 8. Total intensity image of the star forming region G9.62+0.19 and linear polarisation segments, rotated by 90◦, indicating the average
direction of the magnetic field on scales of ∼ 0.5′′ × 0.5′′. The different colours in the segments delineate the direction of the magnetic field as
detected by different data at different wavelengths. The white and brown bars indicate dust observations and molecular thermal line , respectively,
from our ALMA band 7 polarised data. The orange bars indicate OH maser linearly polarised observations (Fish et al. 2005a; Fish & Reid 2006).
Arrows denote the direction of the outflows (L17). The offsets are relative to the absolute position in Fig. 3. The white ellipse represents the beam.
The colour scale goes from -0.01 to 0.45 Jy beam −1 and the yellow bar indicates the physical scale of 0.1 pc, at the distance of the source.
volved major and minor axes, position angles, and spectral in-
dex.
We detected linear polarised emission from two cores and
relative subcores in the northern field (MM3 and MM4) and from
four in the southern field (MM7, MM8, MM9, MM11a). One of
these, MM3a showed a linear polarisation fraction of ∼ 10%. For
these we studied the magnetic field strength on the plane of the
sky component B⊥, comparing the Davis-Chandrasekhar-Fermi
(DCF) and the structure function (SF) analysis. Through the SF
we derived estimates of the magnetic field strength along the line
of sight that were larger than the values obtained by the classical
DCF method.
By comparison with band 6 observations (Liu et al. 2017),
for some of the cores we obtained the spectral index α and the
spectral index for the dust opacity β and we estimated the N(H2)
column densities and the masses. We found that the core masses
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range roughly between 10 M and 40 M and the N(H2) column
densities between 3 × 1024 and 5 × 1025 cm2. Because of the
large uncertainties, mainly determined by the errors on the dust
model, on the spectral index and optical depth, the errors of the
masses and column densities are difficult to quantify and they
could be more than a factor of 5.
We proposed an evolutionary sequence for the magnetic field
of the two hot cores MM4 and MM8, indicating that MM4 is
more evolved than MM8 because of the presence of a weaker
magnetic field than that observed in MM8. MM3 is a starless
core at an early evolutionary phase and the collapse did not start
yet, because in this core gravity was probably unable to over-
come magnetic pressure yet; its magnetic field is indeed proba-
bly underestimated since from previous observations we do not
have information about molecular lines coming from this core.
In general the magnetic field seemed to follow the direc-
tion of the filament, and it was perpendicular to the direction of
the outflows emitted by some massive protostellar cores such as
MM8a, MM7, and MM6. The cores that presented polarisation
appeared to be less fragmented than those not showing polarised
emission. At scales less than 0.1 pc, the magnetic field showed a
neat and ordered pattern of polarisation vectors.
We also detected linearly polarised molecular line, thermally
emitted probably by methanol or carbon dioxide. Moreover,
from the SF analysis we obtained an average magnetic field
strength of the order of 11 mG. The magnetic field strength
on the plane of the sky obtained from our analysis is compara-
ble with the component along the line of sight, already detected
from previous OH and CH3OH masers observations on the core
MM4b and MM7 (Fish et al. 2005a; Vlemmings 2008), suggest-
ing that at scale of less of 0.05 pc the magnetic field role could
be important in this region.
We estimated the ratio of turbulent-to-magnetic energy and
we found on average a turbulent-to-magnetic energy ratio of
γ ∼0.07, indicating that the magnetic energy along the filament
dominates over the turbulent energy.
However, because of the uncertainties of the DCF and the
SF methods, which are inevitably reflected on the column den-
sities and masses, further investigations are needed to properly
evaluate the magnetic field strength in the G9.62 region. The use
of combined observations of masers, dust, and molecular lines
contribute towards understanding the role of the magnetic field
at different scales. As demonstrated by our observations, ALMA
has the capabilities to detect the weak Goldreich-Kylafis effect
(Goldreich & Kylafis 1982) occurring in molecular lines. There-
fore this instrument can add more details and constraints on the
magnetic field morphology and strength and can help to infer,
for example, more precise mass-to- magnetic-flux ratios.
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